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Re-scaled flux: several breaks in power law
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Knee

Ankle

Cutoff?



Comparison of element abundances
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Discrepancy for hydrogen: 
first ionization potential (FIP)?

(Gaisser & Stanev, NPA 2006)



Correlation with first ionization potential
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Detailed analysis shows 
correlation with first 
ionization potential:

Acceleration of particles
from dust grains ?

Injection problem:
shock acceleration only efficient for 
particles of ~GeV or higher energy



Fluxes of individual elements
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Power law also found
for individual elements

Index of power law almost
identical (heavier elements
harder spectra?)

(Boyle & Müller 2007)

Relative abundance of nuclei
H : He   : Z= 6-9 : 10-20 : 21-30
1  : 0.38 : 0.22     : 0.15   : 0.4



Standard model of galactic cosmic rays
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Source spectra

Local energy spectrum

Traversed column depth lesc ⇠ l0
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Typical lifetime tesc ⇠ 2⇥107 yr

Problems discussed up to now:
Energy range beyond the knee (anisotropy, column depth, 
transition from galactic to extragalactic sources)

p = 2 . . .2.3

d = 0.4 . . .0.7

l0 ⇡ 10g/cm2

tdisk ⇡ 106 yr



Breakdown of Leaky Box model
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lesc � lmin ·rISM

Anisotropy
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Upper limits and model calculations
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Figure 11: Upper limits on the anisotropy amplitude of first harmonic as a function of energy from
this analysis. Results from EAS-TOP, AGASA, KASCADE and KASCADE-Grande experiments
are displayed too. An analysis of the KASCADE-Grande data with the East/West method delivers an
additional limit for 3 1015 eV. Also shown are the predictions up to 1 EeV from two different galactic
magnetic field models with different symmetries (A and S ), the predictions for a purely galactic
origin of UHECRs up to a few tens of 1019 eV (Gal), and the expectations from the Compton-
Getting effect for an extragalactic component isotropic in the CMB rest frame (C-G Xgal).

drift motions are expected to induce a modulation in this energy range. These predictions
depend on the assumed galactic magnetic field model as well as on the source distribu-
tion and the composition of the UHECRs5. Two alternative models are displayed in Fig.
11, corresponding to different geometries of the halo magnetic fields [9]. The bounds re-
ported here already exclude the particular model with an antisymmetric halo magnetic field
(A) and are starting to become sensitive to the predictions of the model with a symmetric
field (S ). We note that those models assume a predominantly heavy composition galactic
component at EeV energies, while scenarios in which galactic protons dominate at those
energies would typically predict anisotropies larger than the bounds obtained in Fig. 11.
Maintaining the amplitudes of such anisotropies within our bounds necessarily translates
into constraints upon the description of the halo magnetic fields and/or the spatial source
distribution. This is particularly interesting in the view of our composition measurements
at those energies compatible with a light composition [35]. Aternatively to a leaky galaxy
model, there is still the possibility that a large scale magnetic field retains all particles in

5The dependence of the detection efficiency on the primary mass below 3 EeV could affect the details of
a direct comparison with a model based on a mixed composition.
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Results on the phase 
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Figure 6: Phase of the first harmonic as a function of energy. The dashed line, resulting from an
empirical fit, is used in the likelihood ratio test (see text).

5.3. Results at the sidereal frequency in independent energy bins
To perform first harmonic analyses as a function of energy, the choice of the size of

the energy bins, although arbitrary, is important to avoid the dilution of a genuine signal
with the background noise. In addition, the inclusion of intervals whose width is below
the energy resolution or with too few data is most likely to weaken the sensitivity of the
search for an energy-dependent anisotropy [25]. To fulfill both requirements, the size of the
energy intervals is chosen to be ∆ log10(E) = 0.3 below 8 EeV, so that it is larger than the
energy resolution even at low energies. At higher energies, to guarantee the determination
of the amplitude measurement within an uncertainty σ ! 2%, all events (! 5, 000) with
energies above 8 EeV are gathered in a single energy interval.

The amplitude r at the sidereal frequency as a function of the energy is shown in Fig. 5,
together with the corresponding probability P(> r) to get a larger amplitude in each energy
interval for a statistical fluctuation of isotropy. The dashed line indicates the 99% C.L.
upper bound on the amplitudes that could result from fluctuations of an isotropic distribu-
tion. It is apparent that there is no evidence of any significant signal over the whole energy
range. A global statement refering to the probability with which the 6 observed amplitudes
could have arisen from an underlying isotropic distribution can be made by comparing the
measured value K =

∑6
i=1 k0i (where the sum is over all 6 independent energy intervals)

with that expected from a random distribution for which 〈K〉 = 6 [26]. The statistics of 2K
under the hypothesis of an isotropic sky is a χ2 with 2 × 6 = 12 degrees of freedom. For
our data, 2K = 19.0 and the associated probability for an equal or larger value arising from
an isotropic sky is ! 9%.

The phase ϕ of the first harmonic is shown in Fig. 6 as a function of the energy. While
the measurements of the amplitudes do not provide any evidence for anisotropy, we note
that the measurements in adjacent energy intervals suggest a smooth transition between
a common phase of ! 270◦ in the first two bins below ! 1 EeV compatible with the
right ascension of the Galactic Center αGC ! 268.4◦, and another phase (α ! 100◦) above

16

Phase of the first harmonic 
as a function of energy

Suggest a smooth transition 
from RA = 270o, Galactic 
Center RA = 268.4o (E < 1 
EeV) to RA = 100o (E > 5 
EeV) 

Expected to be randomly distributed in case of independent 
samples whose parent distribution is isotropic  

To confirm the detection of a real transition using only 
measurements of the phase: we need 1.8 x the sample analysed here 
to have an eff of 90% at the 99% CL (for a genuine effect) 

Auger: 
Only upper limits for dipole amplitude

- phase of the first harmonic
  as a function of energy

 - expected to be randomly distributed in case of 
   independent samples whose parent distrib. is 
   isotropic

- intriguing result, but no confidence level can be built! 
  Did not perform a priori search for smooth transition

GC

The Auger Collaboration, Astropart. Phys 34 (2011) 627

Elementary geometry:

Leaky box model not
valid above knee energy



Features of the energy spectra of elements
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PAMELA-Detektor

Launch June 15, 2006,  350- 600 km

Payload for Antimatter Matter Exploration
and Light nuclei Astrophysics

Aim: Light elements in energy range 80 MeV  to about 7x1011 eV (700 GeV)
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Cross section of PAMELA detector

Silicon-tungsten calorimeter:
~ 0.6 had. interaction lengths
~ 16.3 radiation lenghts
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Time of flight: 120 ps resolution

Permanent magnet B = 0.4 T

Silicon strip detector ~4µm
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Event displays of measured events

Clear signal in em. calorimeter

Additional signal in neutron detector
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PAMELA results
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Energy spectra are not simple power laws
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P & He 
absolute fluxes 
@ high energy 

Deviations from  single 
power law (SPL):                  

# Spectra gradually soften 
in the range 30÷230GV 

# Abrupt  spectral 
hardening   @ ~235GV  

 

Eg: statistical analysis for 
protons 

#  SPL hp in the range 30÷230 
GV rejected @ >95% CL 

#  SPL  hp above 80 GV rejected 
@ >95% CL 

So
la

r 
m

od
ul

at
io

n 

So
la

r 
m

od
ul

at
io

n 

2.85 
2.67 

232 GV 

Spectral index 

2.77 2.48 

243 GV 

Break observed at same rigidity
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Indications for similar features
in fluxes of heavier elements



Evidence for harder helium spectrum
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Crossing of p and He fluxes cannot be explained with shock acceleration



Structures above the knee (i)
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hardening of the spectrum just above 10 PeV. It is interesting to
note that recently the CREAM detector (balloon experiment) has
described such a hardening of the proton and helium spectra at
much lower energies [25], which by the authors is assigned to a
possible change of the acceleration mechanism of cosmic rays.

Another feature in the spectrum is a small break slightly below
1017 eV. Applying a second power law above 1017 eV an index of
c ¼ "3:39# 0:07 is obtained. The indices of the two power-laws
differ from each other by two standard deviations. Even taking into
account extreme scenarios for the systematic uncertainties, or
applying more stringent procedures to calculate the significance
an effect with >1r remains. Fitting the spectrum with a function
of two power laws intercepted by a smooth knee the energy of
the break is assigned to log10ðE=eVÞ ¼ 16:92# 0:09, which is in
nice agreement to the value obtained by analysing the raw-like
(i.e. not corrected for reconstruction uncertainties) all-particle
spectrum [9]. In [9] it was also seen that the break gets more sig-
nificant when analysing a subsample of events where showers gen-
erated by heavy primary particles are enhanced. The change in
slope occurs at an energy where the charge dependent knee of
the iron component would be expected (KASCADE QGSJet based
analysis assigns the proton knee to an energy of &3 ' 1015 eV).
The change of the spectral index of this knee-like feature is small
compared to the first one, original well-known knee [8], what
could be explained, when the iron component is not dominant
around 1017 eV. This again can happen in presence of a ‘component
B’ of mixed composition, but a final conclusion is not possible
without investigating the composition in detail.

Both observed features were subject to detailed cross-checks. In
particular, we investigated how far the applied unfolding proce-
dure affects the spectrum. To build up the response matrix an en-
ergy spectrum and a particular composition has to be assumed. We
investigated possible effects by assuming extreme cases and by
using different unfolding methods. If one assumes a very abrupt
change of the spectral slope and in composition for a given energy,
the resolution of KASCADE-Grande would indeed smear that out to
a structure distributed over values of 0:3" 0:5 in log10(E/eV) of the
reconstructed spectrum, but still clearly visible.

At higher energies the KASCADE-Grande spectrum, in particular
close to 1018 eV, where other experiments have claimed a ‘second
knee’ [7], suffers from missing statistics.

Despite the fact, that the discussed spectrum is based on the
specific hadronic interaction model QGSJet-II, there is confidence

that the found structures of the energy spectrum remain stable.
The analysis has shown that the applied procedure can reconstruct
the total number of charged particles, as well as the total muon
number sufficiently well, independently of the hadronic interac-
tion model in use. But the energy calibration assumes that the
QGSJet-II model provides the correct lateral distribution of the par-
ticles over the entire distance range (exceeding the geometrical
size of KASCADE-Grande). First studies with an alternative method
to reconstruct the energy spectrum via the particle density at a
fixed distance give hints to systematic deviations [26] in the en-
ergy calibration of the observable. But, the spectral structures dis-
cussed above are also present in the results of these studies.

Fig. 8 compiles the KASCADE-Grande energy spectrum with re-
sults of other experiments. Despite the independent measure-
ments and data analysis there is a good agreement with the
results of the KASCADE experiment and others in the overlapping
energy range at low energies. In particular, the concave behavior
seems to be needed to connect the spectrum with the spectra ob-
tained by other experiments at the knee region. At higher energies
the KASCADE-Grande spectrum (QGSJet-II) results in a slightly
lower intensity compared to earlier experiments, in particular
GAMMA, AKENO and YAKUTSK. The strong peak-like structure be-
low 1017 eV as was claimed by the GAMMA experiment [27] is not
confirmed by our results. At the highest energy accessible by the
KASCADE-Grande experiment, where we suffer from missing
statistics, our result is in agreement with a single power law and
with the spectrum reported by HiRes and, when taken into account
also the systematic uncertainties mentioned for the Auger result,
with the Pierre Auger Observatory.

5. Conclusion

The main air-shower observables of KASCADE-Grande, shower
size and total number of muons, are reconstructed with high
precision and low systematic uncertainties. Applying various
reconstruction methods to the KASCADE-Grande data the obtained
all-particle energy spectra are compared as a way to cross-check
the reconstruction, to study systematic uncertainties and to test
the validity of the underlying hadronic interaction models. By com-
bining both observables, the all-particle energy spectrum of cosmic
rays is reconstructed in the energy range of 1016–1018 eV within an
uncertainty in intensity of 10–15%, based on the hadronic interac-
tion model QGSJet-II.

Akeno (J.Phys.G18(1992)423)
AGASA (ICRC 2003)
HiResI (PRL100(2008)101101)
HiResII (PRL100(2008)101101)
Yakutsk (NewJ.Phys11(2008)065008)
AUGER (ICRC 2009)

EAS-TOP (Astrop.Phys.10(1999)1)
KASCADE (Astrop.Phys.24(2005)1)
TIBET-III (ApJ678(2008)1165)
GAMMA (J.Phys.G35(2008)115201)
TUNKA (Nucl.Phys.B,Proc.Sup.165(2007)74)
KASCADE-Grande (QGSJET II), this analysis

Fig. 8. Comparison of the all-particle energy spectrum obtained with KASCADE-Grande data based on the QGSJet-II model to results of other experiments. The band denotes
the systematic uncertainties. An analysis based on EPOS 1.99 would result in a spectrum which is shifted downwards by approximately 10% in intensity.

190 W.D. Apel et al. / Astroparticle Physics 36 (2012) 183–194

(Apel et al., Astropart. Phys. 36 (2012) 183)

Flux does not follow
single power-law

KASCADE-Grande



Structures above the knee (ii)

16

1610 1710 1810

)-
1

-2
.9

18
 E

I/(
A

 

-0.8

-0.6

-0.4

-0.2

0

0.2

0.4

primary energy [eV]

KASCADE-Grande 

-0.4

-0.2

0

0.2

0.4

0.6

0.8

1

7 7.25 7.5 7.75 8 8.25 8.5 8.75 9

QGSJet II

EPOS 1.99
SIBYLL 2.1

log10(E/GeV)

I/(
A

 x
 E-3

.1
)-1

Figure 2. Left: The all-particle energy spectrum obtained with KASCADE-Grande. The
residual intensity after multiplying the spectrum with a factor of E2.918 and normalized with A
is displayed as well as the band of systematic uncertainty [13].
Right: These spectra are obtained by the same procedure applied to the data models as shown
in the left panel (without the unfolding procedures), but now the calibration is based on three
different hadronic interaction models.

The main air-shower observables of KASCADE-Grande, shower size and total number of
muons, could be reconstructed with high precision and low systematic uncertainties and are
used in the following for the data analysis (fig. 1, right panel).

3. The all-particle energy spectrum
In a first step of the analysis, we reconstructed the all-particle energy spectrum. Applying various
reconstruction methods to the KASCADE-Grande data the obtained all-particle energy spectra
are compared for cross-checks of the reconstruction, for studies of systematic uncertainties and
for testing the validity of the underlying hadronic interaction models. By combining both
observables and using the hadronic interaction model QGSJet-II [15], a composition independent
all-particle energy spectrum of cosmic rays is reconstructed in the energy range of 1016 eV to
1018 eV within a total uncertainty in flux of 10-15% [13]. To obtain the all-particle spectrum
an unfolding procedure were applied to correct for effects on the steeply falling spectrum by
reconstruction uncertainties.

Despite the overall smooth power law behavior of the resulting all-particle spectrum, there
are some structures observed, which do not allow to describe the spectrum with a single slope
index [13].

Just above 1016 eV the spectrum exhibits a concave behavior, which is significant with respect
to the systematic and statistical uncertainties. This is true despite the fact that only vertical
showers contribute to the spectrum in this energy range. This hardening of the spectrum is
validated by several cross-checks, e.g., by efficiency correction of more inclined events based on
simulations. A hardening of the spectrum is expected, e.g. when a pure rigidity dependence of the
galactic cosmic rays is assumed. Depending on the relative abundances of the different primaries
one would expect charge dependent steps (i.e. slope changes) in the all-particle spectrum. But,
on the other hand, there are also other possible astrophysical scenarios to get a concave behavior
of the cosmic ray spectrum. In general, a transition from one source population to another one
could also result in a hardening of the spectrum.

Relative difference to power law.

1220-21/09/12, Zeuthen Andreas Haungs

-
 

spectra of individual 
mass groups:

Î steepening close to   
1017eV  (2.1V) in all-particle 
spectrum

Î steepening due to 
heavy primaries (3.5V)

Î light+medium primaries 
show steeper spectrum,
Î fit by power law okay
Î possibility for 
hardening above 1017eV

KASCADE-Grande: Spectra of individual mass groups

Phys.Rev.Lett. 107 (2011) 171104

Composition estimate

(Apel et al., Phys.Rev.Lett. 107 (2011) 171104)

knee of heavy elements



Independent measurement: Tunka Cherenkov array
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133 non-imaging
Cherenkov detectors

Cherenkov light in air



Structures above the knee (iii)
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Andreas Haungs 1620-21/09/12, Zeuthen

Combined energy spectrum

- all- particle spectrum:

Î hardening clearly 
visible

Î steepening visible (little 
above 1017eV)  with outer 
clusters

Îcalibration by Monte Carlo; 
composition assumption

1900 events > 1017 eV

Tunka-133: all-particle energy spectrum

ısys

 

(E) = 8% at  E= 6 1015  eV
 

from QUEST experiment
ısys

 

(E) = 15% at 1018 eV
 

uncertainty in calibration factor

J

 
1 = 3.24 ±0.01

J

 
2 = 2.97 ±0.01

J

 
3 = 3.4 ±0.14

Kuzmichev, ECRS 2012, Moscow

Structure of dip and additional knee 
found by several experiments 
(including Yakutsk and IceTop)

Interpretation unclear

(Kuzmichev, ECRS 2012, Moscow)



Models that predict such features of the spectrum
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Non-linear shock acceleration

Bell & Lucek, 2001 (several papers)
Berezhko, Völk, ....

Figure 1: Left panel : all-particle spectrum (thick line) and spectra of individual elements.

Right panel : spatial dependence of the hydrodynamical quantities (the gas pressure upstream

is very low and lies outside the plot boundaries).

choice of parameters corresponds to a 2000 year old SNR with radius Rsh ∼ 14.4

pc, i.e. a SNR at the beginning of its Sedov-Taylor stage for a SN explosion of

1051 erg and an ejecta mass of 1.4 solar masses. It is worth recalling that the

highest cosmic ray energy is thought to be achieved at this evolutionary stage

[16].

The free-escape boundary is placed at x0 = 0.2Rsh upstream of the shock

and the diffusion coefficient is taken as Bohm-like,

Di(x, p) =
1

3
v(p)

pc

ZiB(x)
, (17)

in the amplified magnetic field at the shock position, namely B(x) = B1 =
√

8πρ0u2
0Pw,1 upstream and B(x) = B2 = RsubB1 downstream.

In Fig. 1 we show the spectra of accelerated particles and the the quan-

tities related to shock hydrodynamics, obtained through the iterative method

described in §2, in a case of efficient particle acceleration (we used ξH = 3.8, cor-

responding to ηH = 5.7× 10−5 in Eq. 2). Notice that the gas pressure upstream

is very low and lies outside the plot boundaries.

The most noticeable feature is the fact that, for the standard abundances

deduced in §3, the dynamical role of nuclei overall is twice as important as

that of protons: at the shock position the pressure of accelerated protons is

PH # 0.05, in units of the ram pressure far upstream, while the pressure in

12

Caprioli, Blasi, Amato, astro-ph/1007.1925

Magnetic field amplification, similar
end values for different environments

Anisotropy likely
at some level
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Aufnahme mit LASCO (SOHO)

Direct detection of particles
from shock acceleration

(Mewaldt et al., A.I.P. Conf. Proc. 598 (2001) 165)
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FIG. 1: The spectrum of cosmic ray positrons (left) and the positron fraction (right) resulting from the sum of all pulsars
throughout the Milky Way. Also shown as a dashed line is the prediction for secondary positrons (and primary and secondary
electrons in the right frames) as calculated in Ref. [27]. In the right frames, the measurements of HEAT [3] (light green and
magenta) and measurements of PAMELA [2] (dark red) are also shown. We have used the injected spectrum reported in
Eq. (7). In the lower frames, the upper (lower) dotted line represents the case in which the injection rate within 500 parsecs of
the Solar System is doubled (neglected), providing an estimate the variance resulting from the small number of nearby pulsars
contributing to the spectrum.

the positrons produced as secondaries in the hadronic interaction of cosmic rays. In the right frames, the positron
ratio is obtained considering, besides secondary leptons, also the primary electrons accounted as in [27], to ease the
comparison with previous literature. In the right frames, the measurements of HEAT [3] (light green and magenta)
and the measurements of PAMELA [2] (dark red) are also shown.

In the lower frames of Fig. 1 we show the positron spectrum and the positron fraction for Ṅ100 = 4 if the injection
rate within 500 parsecs of the Solar System is doubled (upper dotted curve) or neglected (lower dotted curve). This
provides an estimate of the relative importance of average nearby sources compared to the contribution from more
distant pulsars. We will discuss this issue further in Sec. III.

Interestingly, the best fit to the HEAT and PAMELA data appears to be obtained for Ṅ100 = 4, namely about one
pulsar birth each ∼ 25 years. It is worth noting that this number is only slightly higher than the typical estimates of
the galactic core collapse supernovae rate, from which pulsars are formed. This rate has been estimated in a variety of
ways, including from the scaling of rates in external galaxies, from the measured gamma-ray flux from galactic 26Al,
from historical observations of galactic supernovae, and from empirical upper limits from neutrino observatories (for
a review, see Ref. [28]). Also note that since the primary electron flux is determined from a fit to the absolute flux,
which has uncertainties as large as ±50% around 10 GeV (see the cosmic ray review in Ref. [29]), the best-fit value
of Ṅ100 extracted from the ratio is affected by at least an error as large. Additionally, in principle our numerical
results could be modified if a different normalization for the diffusion coefficient were chosen; yet, the constraint on

6

FIG. 2: The spectrum of positrons (left) and ratio of positrons to electrons plus positrons (right) from the pulsar Geminga, with
the dashed lines as in Fig. 1. In the right frames, the measurements of HEAT [3] (light green and magenta) and measurements of
PAMELA [2] (dark red) are also shown. Here we have used an injected spectrum such that dNe/dEe ∝ E−α exp(−Ee/600 GeV),
with α = 1.5 and 2.2. The solid lines correspond to an energy in pairs given by 3.5 × 1047 erg, while the dotted lines require
an output of 3 × 1048 erg.

above 600 GeV. As a default quantity, we consider a total energy of 3 × 1047 erg injected as electron-positron pairs,
which constitutes a few percent of the total spin down power of the pulsar. Our results for Geminga are shown in
Fig. 2. In the left panel we plot the positron spectrum from Geminga for α =1.5 and 2. Again, the dashed line
presents the spectrum from secondary positrons alone. The right panel shows the positron fraction for the two values
of α and for two values of the total energy injected in pairs. The lower of these values in our default choice, 3× 1047

erg (solid lines), while the higher, dotted lines represent the approximate energy required to generate the entire flux
of excess positrons from Geminga alone (3.5 × 1048 erg). We thus conclude that if Geminga were to dominate the
observed positron fraction at high energies, it would have to transfer on the order of ∼30% of its spin-down power
into electron-positron pairs. Such a high efficiency to pairs appears unlikely. The (probably) subdominant role of
Geminga is not particularly unexpected, given its relatively old age.

We now turn our attention to the case of the pulsar B0656+14. B0656+14 is considerably younger than Geminga
(approximately 110, 000 years old), has a period today of P = 390 ms, and a current spin down luminosity that is
approximately the same as Geminga. The spectrum of positrons and the positron fraction from B0656+14 are shown
in the left and right panels of Fig. 3, respectively. The lines are labeled as in Fig. 2. Because of the younger age
of this pulsar, the flux of positrons expected from B0656+14 is somewhat higher than from Geminga, despite being
somewhat more distant (D = 290 pc). In the case with α = 1.5, the predicted positron fraction can fit the PAMELA
data if it injected ∼ 8 × 1047 erg in electron-positron pairs. This appears still large, but less extreme than in the
Geminga case.

In Sec. II, we found that nearby pulsars (D <∼ 500 parsecs) are likely to dominate the pulsar contribution to the
positron spectrum, especially energies above ∼ 50 GeV. More distant pulsars, however, are still anticipated to play
an important role in the lower energy range of the PAMELA positive excess. In Fig. 4, we show a combination of
pulsar contributions to the high energy positron spectrum and the positron fraction. In particular, we include the
contribution from all pulsars more distant than 500 parsecs (using a rate of 4 pulsars per century, as shown in the
lower frames of Fig. 1) and the contributions from B0656+14 and Geminga (using 3 × 1047 erg in electron-positron
pairs from each and a spectral index of 1.5). As can be seen in the right frame, such a combination can provide a
good fit to the preliminary measurements of PAMELA and accommodates for a rising positron fraction even beyond
∼ 100 GeV.

A comment regarding this result is in order. In describing the contribution from all pulsars throughout the Milky
Way, we have adopted a spectrum with an index of 1.6 and an exponential cutoff above 80 GeV. In contrast, we have
used a higher cutoff (600 GeV) and slightly harder slope (1.5) for the nearby B0656+14 and Geminga pulsars. These
results do not contradict each other, for the average injected spectrum from Ref. [18] results from the sum over a
realization with wide variability of pulsar properties, including injected energy and spectral index. In this respect, the
results presented here are only demonstrative of the fact that a significant role of nearby pulsars, while not required
to explain present data, is consistent with them, in which case they should dominate the high energy tail. If this is
the case, interesting observational signatures are possible, one of which is discussed in the next section. In no case the

(Hooper et al. JCAP (2009) 025)
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3

escape from the Galaxy. For the diffusion coefficient
D(E) = 1.2 × 1028E0.6

GeV cm2s−1 the loss time is shorter
than the escape time at all energies above ∼ 5−10 GeV,
namely at all energies of interest for us. In this case the
equilibrium spectrum of the diffuse secondary pairs can
easily be written as

n±(E) = nHc
1

b(E)

∫ Emax

E
dE′′

∫

dE′nCR(E′)
dσ±(E′, E′′)

dE′
,

(8)
where nH is the gas density averaged over the volume
of the Galaxy (including disc and halo). Clearly, the
choice of a different diffusion coefficient in the Galaxy
may lead to the need for a more detailed solution, taking
into account the interplay between escape and losses, but
the results are not appreciably affected. We will present
these results in a forthcoming publication.

Similarly, for the secondary pairs produced inside the
sources, one has:

ns
±(E) = RSN

1

b(E)

∫ Emax

E
dE′Ns

±(E′), (9)

where Ns
±(E)dE = 4πp2 [f±,0 + (1/2)Q2τSN ] u2τSNdp is

the distribution function of pairs at the sources in energy
space instead of momentum space (we integrated Eq. (4)
over the downstream volume, exactly as for CRs).

Finally, for the spectrum of primary electrons in the
sources we adopt the standard procedure of assuming
that Ne(E) = KepNCR(E), where Kep ∼ (2 − 6) × 10−3

can be estimated directly from observations. The equi-
librium spectrum of primary electrons is then:

ne(E) = KepRSN

1

b(E)

∫ Emax

E
dE′NCR(E′). (10)

Before illustrating the results of our calculations we dis-
cuss briefly the choice of diffusion coefficient in the accel-
erator, which is not the same as in the Galaxy, because of
the generation of turbulence in the shock region, either
due to the same accelerated particles [11] or due to fluid
instabilities. Here we carry out the calculations for two
choices of diffusion coefficient. The first choice is that of
a Bohm like one, which we write as:

DB(E) = KB
1

3
rL(E)c = 3.3×1022KBB−1

µ EGeV cm2s−1.

(11)
This is considered as a lower limit to the diffusion coeffi-
cient, therefore we also introduced a parameter KB > 1
that allows us to explore faster diffusion. Bµ is the local
magnetic field in units of µG. The second possibility we
consider is that of a Kraichnan diffusion, which leads to
DK(E) ∝ E1/2. The expression for this diffusion coeffi-
cient is obtained from quasi-linear theory:

DK(E) = 3.2× 1025F−1L1/2
c,pcB

−1/2
µ E1/2

GeV cm2s−1, (12)

where F is the ratio of power in turbulent magnetic field
versus that in the ordered field, and Lc,pc is the coherence
scale of the turbulent component in parsecs (pc).

FIG. 1: Positron fraction as a function of energy. The data
points are the results of the PAMELA measurement.

These are all the ingredients needed for the calculation
of the positron and electron fluxes at Earth. The positron
fraction, defined as the ratio of the total flux of positrons
to the total flux of e−+e−, is plotted in Fig. 1. The data
points are the results of the PAMELA measurement. The
error bar on energy is of the order of half the distance
between two consecutive data points. The solid (dashed)
lines refer to the case of a Kraichnan (Bohm) diffusion
coefficient. The bottom curves represent the standard
contribution to the positron fraction from secondary dif-
fuse pairs. We adopt a gas density nH % 0.02cm−3 av-
eraged over the whole Galactic halo, and a reference age
τSN = 5 × 104 years for a SNR. Both cases provide an
excellent fit to the PAMELA data. For the Bohm case
the condition to fulfill to reach a fit to the PAMELA data
is that KBngas,1B−1

µ u−2
8 ≈ 70. For the Kraichnan case,

the condition is that F−1L1/2
c,pcB

−1/2
µ n1u

−2
8 ≈ 1. Here n1

is the gas density close to the SNR in units of 1cm−3 and
u8 = u1/108cm/s. One can see that for the Bohm case
one requires SNRs in their final stages of evolution (low
magnetic field), which in turn justifies our initial choice
of neglecting losses in Eq. (3). In the Kraichnan case a
wider range of values of parameters lead to a good fit to
PAMELA data. In both cases however the main contri-
bution to the excess come from old SNRs. One should
keep in mind that most contribution of SNR to cosmic
rays at momenta smaller than the knee is also expected
to come from late times. The ratio increases towards
high energies. A prediction of this scenario is that the
positron fraction can at most level out at ∼ 40 − 50%.
This is at odds with the claim of an excess by the ATIC
Collaboration [14], which we are forced to conclude, is ei-
ther due to an additional and so far unknown source or an
artifact of the measurement. Future observations, espe-
cially with Fermi/LAT, will clarify this point. A second
prediction is that PAMELA or other instruments after it
(for instance AMS) should measure a positron fraction

Standard prediction

With co-acceleration

(Blasi, Phys. Rev. Lett. 2009) 
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FIG. 2: Fluxes of e
− and e

− at Earth for Bohm (top panel)
and Kraichnan (bottom panel) diffusion. The thin solid line
refers to primary electrons, the dashed lines are the fluxes
of positrons (upper curve) and electrons (lower curve) from
interactions of cosmic rays in the Galaxy. The dot-dashed
lines are the fluxes of positrons (upper curve) and electrons
(lower curve) from production in the sources. The thick solid
line is the total flux. A cutoff at 1 TeV has been introduced
to mimic the proximity effect from the nearest source.

growing with energy at least up to a few hundred GeV.
The fluxes of electrons and positrons are plotted in Fig.
2: the upper panel refers to the Bohm-like case, the bot-
tom panel to the Kraichnan case. We assume that the
closest source of cosmic rays is located at a distance of

order ∼ 1−2 kpc, so to introduce a cutoff at high energy
at ∼ 1 TeV, namely when the propagation time from
the closest source exceeds the loss time (this is a strong
function of the distance to the closest source). A cutoff
may also be produced by the acceleration process in the
sources. Recent observations by ATIC [14] and HESS [15]
seem to confirm this estimate of the high energy cutoff in
the diffuse electron spectrum. The thin solid line refers
to primary electrons, the dashed lines are the fluxes of
positrons (upper curve) and electrons (lower curve) from
interactions of cosmic rays in the Galaxy. The dot-dashed
lines are the fluxes of positrons (upper curve) and elec-
trons (lower curve) from production in the sources. A
few remarks are in order: 1) at energies above 10 GeV
the main contribution to the positron flux is strikingly
the one of secondary pairs in the sources. 2) The flat
spectrum of the secondary pairs, energized inside the ac-
celeration region, makes them provide up to 50% of the
total flux of electrons (and positrons) at Earth at high
energy. Their contribution is sufficient to flatten the total
e+ + e− spectrum, which is the quantity effectively mea-
sured by ATIC and that will be measured by Fermi/LAT.

We can conclude that the positron excess can be in-
terpreted as a consequence of acceleration of cosmic rays
in SNRs or other sources. The scenario discussed here
has numerous implications which may change our view
of several issues related to cosmic ray propagation, and
affect our modeling of the non-thermal activity of indi-
vidual supernova remnants. These effects are being in-
vestigated and will be discussed in future work. As far
as individual sources are concerned, one has to keep in
mind that the later stages of the SNR evolution, respon-
sible for the production of most electrons (because of the
absence of severe synchrotron losses) suggests that active
X-ray or gamma ray sources should not present any clear
evidence for the flat spectrum of the secondary energized
pairs, which instead should be searched for in older SNR.
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γ-rays: Some hints, but no clear DM signal seen, tension with charged cosmic rays present.
Strong tension of DM interpretation with CMB constraints.
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the spectrometer. For each track the maximum detectable
rigidity (MDR) was evaluated on an event-by-event basis
by propagating the estimated coordinate errors and taking
into account the track topology. The MDR was required to
be 6 times larger than the measured rigidity. This allowed
the antiproton measurement to be extended up to
180 GV=c with acceptable contamination from spillover
protons. The contamination was estimated using the
GPAMELA detector simulation which is based on the
GEANT3 package [17]. The simulation contains an accurate
representation of the geometry and performance of
the PAMELA detectors. For the spectrometer [18] the
measured noise of each silicon plane and performance
variations over the duration of the measurement were
accounted for. The simulation code was validated by com-
paring the distributions of several significant variables
(e.g., coordinate residuals, !2 and the covariance matrix
from the track fitting) with those obtained from real data.
The high-energy region of the deflection distribution was
studied before applying the MDR selection and agreement
within 20% was found between data and simulation. This
difference was taken as a systematic uncertainty on the
spillover contamination which was estimated to be ’ 30%
for the rigidity interval 100–180 GV=c.

The efficiencies were carefully studied using both ex-
perimental and simulated data [16,19,20]. The time depen-
dence of the detector performance (and therefore also
efficiency) was studied using proton samples collected
during 2 month long periods. The average global selection
efficiency was measured to be ’ 30%. The number of
(anti)protons rejected by the selection criteria due to inter-
actions and energy loss within the detector systems was
estimated using the simulation. The number of antiprotons
lost due to this selection is energy dependent and varies
from ’ 10% below 1 GeV to ’ 6% above 50 GeV. The
antiproton flux was obtained by considering the geometri-
cal factor (estimated both analytically and with simula-
tions) and the total live time which is provided by an
on-board clock that times the periods during which the
apparatus is waiting for a trigger.

The energy-binned antiproton fluxes and antiproton-to-
proton flux ratios are given in Table I. The spectrometer
resolution has not been unfolded and a systematic uncer-
tainty is included to account for this. Contamination from
pions and spillover protons has been subtracted from the
results. The first and second errors in the table represent
the statistical and systematic uncertainties, respectively.
The total systematic uncertainty was obtained quadrati-
cally summing the various systematic errors considered:
acceptance, contamination, efficiency estimation, energy
losses, interactions and spectrum unfolding.

Figure 1 shows the antiproton energy spectrum and
Fig. 2 shows the antiproton-to-proton flux ratio measured
by PAMELA along with other recent experimental data
[21–26] and theoretical calculations assuming pure

secondary production of antiprotons during the propaga-
tion of cosmic rays in the Galaxy. The curves were calcu-
lated for solar minimum, which is appropriate for the
PAMELA data taking period, using the force field approxi-
mation [27,28].
The PAMELA results reproduce the expected peak

around 2 GeV in the antiproton flux and are in overall
agreement with pure secondary calculations. The experi-
mental uncertainties are smaller than the spread in the
different theoretical curves and, therefore, provide impor-
tant constrains on parameters relevant for secondary pro-
duction calculations. For example, the antiproton flux
bands from Donato et al. [31] presented in Fig. 1 show
uncertainties on the propagation parameters (dotted lines)
and antiproton production cross sections (dashed lines) and
indicate larger uncertainties than those present in the
PAMELA measurements. Figure 3 shows the PAMELA
antiproton-to-proton flux ratio compared with a calculation
[14] (dashed line) including both a primary antiproton
component from the annihilation of 180 GeV winolike
neutralinos and secondary antiprotons. This model, based
on the nonthermal production of dark matter in the early
Universe, was proposed to explain the high-energy rise in
the PAMELA positron fraction [8]. As shown by the
dashed line in Fig. 3, a reasonable choice of GALPROP

[32] propagation parameters (dashed-dotted line) allows a
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FIG. 1 (color). The antiproton energy spectrum at the top of
the payload obtained in this work compared with contemporary
measurements [21–25] and theoretical calculations for a pure
secondary production of antiprotons during the propagation of
cosmic rays in the Galaxy. The dotted and dashed lines indicate
the upper and lower limits calculated by Donato et al. [31] for
different diffusion models, including uncertainties on propaga-
tion parameters and antiproton production cross sections, re-
spectively. The solid line shows the calculation by Ptuskin et al.
[36] for the case of a plain diffusion model.
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good description of PAMELA antiproton data with the
inclusion of the wino-annihilation signal. Given current
uncertainties on propagation parameters, this primary com-
ponent cannot be ruled out. It has also been suggested that
the PAMELA positron data can be explained without in-
voking a primary component. This is possible if secondary
production takes place in the same region where cosmic
rays are being accelerated [11]. An increase in the anti-
proton [33] and secondary nuclei abundances [34] are also
predicted in this model. The solid line in Fig. 3 shows the
prediction for the high-energy antiproton-to-proton flux
ratio. While this theoretical prediction is in good agree-
ment with the PAMELA data, in this energy region it does
not differ significantly from the expectation for standard
secondary production models. Comparisons with experi-
mental secondary cosmic-ray nuclei data are needed along
with higher energy antiproton measurements. New data on
the boron-to-carbon ratio measured by PAMELAwill soon
become available, while the antiproton spectrum is likely
to be probed at higher energies by AMS-02 experiment
[35] which will soon be placed on the International Space
Station.

We have measured the antiproton energy spectrum and
the antiproton-to-proton flux ratio over the most extended
energy range ever achieved and with no atmospheric over-
burden. Our results are consistent with pure secondary
production of antiprotons during the propagation of cosmic
rays in the Galaxy. We note that the quality of our data

surpasses the current precision of the theoretical modeling
of the cosmic-ray acceleration and propagation mecha-
nisms. Improved models are needed to allow the full
significance of these experimental results to be understood.
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FIG. 3 (color). The antiproton-to-proton flux ratio at the top of
the payload obtained in this work compared with theoretical
calculations. The dotted lines show the upper and lower limits
calculated for a pure secondary production of antiprotons during
the propagation of cosmic rays in the Galaxy by Donato et al.
[37] for a diffusion reacceleration with convection model. The
dashed line is a calculation by Kane et al. [14] including both a
primary antiproton component from annihilation of 180 GeV
winolike neutralinos and secondary antiprotons (dashed-dotted
line for the secondary component). The solid line shows the
calculation by Blasi and Serpico [33] for secondary antiprotons
including an additional antiproton component produced and
accelerated at cosmic-ray sources.
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PAMELA

FIG. 2 (color). The antiproton-to-proton flux ratio at the top of
the payload obtained in this work compared with contemporary
measurements [21–24,26] and theoretical calculations for a pure
secondary production of antiprotons during the propagation of
cosmic rays in the Galaxy. The dashed lines show the upper and
lower limits calculated by Simon et al. [6] for the leaky box
Model, while the dotted lines show the limits from Donato et al.
[37] for a diffusion reacceleration with convection model. The
solid line shows the calculation by Ptuskin et al. [36] for the case
of a plain diffusion model.
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(Adriani et al. , PRL 105 (2010) 121101)



Anisotropy measurements
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Anisotropy detection (i)

30

360  270  180 
 90   0  

K. Munakata, M. Amenomori, et al AIP Conf Vol 932, 283

Abdo, A. et al astroph0801.3827

Milagro Observation using Background Calculation over 2 hour (30o in RA) intervals

Tibet AS Observation after subtracting model of large scale anisotropy

Milagro: Relative excess of 4-6 10-4, more than 10 sigma significance
            Energy of cosmic rays ~1013 eV = 10 TeV (Lamor radius < 10-2 pc)

Geminga SNR
(distance 170 pc)

(Milagro, PRL 101, 2008)

(Goodman, ICRC 2009)



Anisotropy detections (ii)
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http://people.roma2.infn.it/~aldo/RICAP09_trasp_Web/Vernetto_ARGO_RICAP09ar.pdf

(Goodman, ICRC 2009)

http://people.roma2.infn.it/~aldo/RICAP09_trasp_Web/Vernetto_ARGO_RICAP09ar.pdf
http://people.roma2.infn.it/~aldo/RICAP09_trasp_Web/Vernetto_ARGO_RICAP09ar.pdf


Anisotropy detections (iii)
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Anisotropy�on�the�10Ͳ3 level�consistent�with�
northern hemisphere observationsnorthern�hemisphere�observations

4��109�events�<E>|20TeV
• Good�match�with�northern�hemisphere�observations
• no�comptonͲgetting�like�dipole
• IceCube�is�an�ideal�detector�for�this:�Flat�overburden,�high�statistics,�precisely�known�exposure

24

Observed�Anisotropy�is�confirmed�by�IceTop�
and AMANDAand�AMANDA

black dots:�IceCube�59

red line:�AMANDA

M.Gurtner

¾ IceTop�confirms�high�energy�anisotropy�
with��>�5�sigma

¾ AMANDA�confirms�low�energy�
anisotropy (result stable > 1decade )anisotropy�(result�stable� �1decade�)�

26Important contributions:�BU�Wuppertal

(SuperKamiokande 2009,
 IceCube downgoing muons 2011)

(IceTop air shower array 2012)

(Milagro, Tibet, ARGO air shower arrays 2010)



Anisotropy due to asymmetry of heliosphere ?
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Solar system moves with

220 km/s about gal. center
20 km/s relative to ISM

~100 AU

�Earth(E) =
E2 �m2

(E + Z · Vpot)2 �m2
�ISM(E + Z · Vpot)

V
pot

⇡ 400 . . .750GV



Interpretation of the data at the highest energies
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Anisotropy of arrival direction distribution
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Auger Collab. 2007

Active Galactic Nuclei: sources or tracer of sources
Small magnetic deflection: protons or light nuclei

70% of particles with E > 5.5 1019 eV 
correlated with AGNs (D < 75 Mpc) 
within 3.1°,  21% expected

less than 1% chance probability

correlated 
events (20)

uncorrelated
events (7)

Galactic plane



Closest Active Galactic Nucleus: Centaurus A

Moon for comparison of apparent size

36



Standard model of extragalactic cosmic rays ?

37

• GZK suppression of flux confirmed
• Particles accelerated in astrophysical environments (exotic sources not dominating)

• Sources related to AGNs or distributed similar to AGNs

• More than 80% of particles should be protons (dip model)
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Auger data on shower profiles
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Mean depth of shower profiles and shower-to-
shower fluctuations as measure of composition

Proton

Iron
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Longitudinal EAS Development with Auger FD
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Auger Observatory: Composition data

(Auger Collab. PRL 104, 2010, updated: Facal, ICRC 2011)

Change of cosmic ray composition
from mixed or light to heavy ?

39

Sys. uncertainty: 13 g/cm2 (mean)
                          6 g/cm2 (RMS)

Longitudinal EAS Development with Auger FD
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Fluctuations of depth of shower maximum

Mean depth of shower maximum

Proton

Proton

Iron

Iron

Mixing Protons  with Iron-nuclei



Figure 4: Left: Relative abundance of secondary nucleons, dinucleons, trinucleons and �-
particles in the propagated spectra assuming di�erent pure complex nuclei composition at
the sources (see labels), a source spectral index ⇥ = 2.0 and maximum energy Emax(Z) =
Z� 1020.5 eV. Center : Propagated spectrum assuming the same mixed composition as in
Fig. 3b, the maximum energy at the sources is Emax(Z) = Z� 4 1018 eV and the spectral
index ⇥ = 1.6. The propagated spectrum is compared to Auger data [79]. Right : Same
as the central panel, but for a mixed composition enriched in heavy elements (30% of the
source composition), a maximum energy Emax(Z) = Z � 4 1018 eV and a spectral index
⇥ = 2.0.

nuclei compositions. In these cases, the light component in the extragalactic
composition is provided by the emission of nucleons due to photodisintegra-
tion processes. Above an energy ⇥ A�5 1018 eV (depending on redshift) nu-
clei interact with CMB photons and are photodisintegrated both very rapidly
[32] and completely. Above ⇥ 5 1018 eV secondary nucleons (emitted by a
primary of mass A and charge Z) are to good approximation injected ”imme-
diately” (this approximation holds only for reasonably distant sources) with
the same spectral index as the primary nuclei up to an energy Emax(Z)/A
and with a relative abundance A2�� (where � is the source spectral index)
compared to primary nuclei at the same energy. The photodisintegration
of nuclei slows down as the energy decreases and the injection of secondary
nucleons is then harder than the primary nucleus spectral index (and much
more spread in time). The energy evolution of the composition is afterwards
a�ected by the energy losses of the primary component and the secondary
nucleons the same way as in the mixed composition case. This is illustrated
on Fig. 4a, where the energy evolution of the relative abundance of secondary
fragments 8 is shown assuming the di�erent cases of pure composition at the

8In a vast majority nucleons but also dinucleons, trinucleons, and � particles

14

Upper end of source energy spectrum seen ?

40

Protons Emax,p = 1018.4 eV Iron Emax, Fe = 26 Emax,p

                    = 1020 eV

(Allard, 1111.3290)

 Natural transition to heavier
 composition at high energy !

(Calvez et al. 2010,  Aloisio et al. 2011)

Astrophysics?
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Current status of correlation with AGNs
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UHE Correlation with AGNs within GZK-sphere?
VCV catalogue, E> 57 EeV, z<0.018, distance < 3.1 deg.

Differential Auger Signal
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June 2011: 28 out of 84 correlated
estimate now 33 ± 5% (P = 0.006)

Differential estimate
every 10 events

�$()'$(�&��)++ &�-$)(�)!� / (-� ( +"2������ ���
�0$-#�� +)(�����	
-#���'�1����	���0$-#$(���	� "��

�1* �-�-$)(��)' ,�!+)'��." +��������	���
0#$�#�$,��)(/ +- ��-)�()+-# +(�,%2������
�# ����%"+).(���#�(� �*+)���$&$-2�$,�
���

�$()'$(�&��)++ &�-$)(�)!� / (-� ( +"2������ ���
�0$-#�� +)(�����	
-#���'�1����	���0$-#$(���	� "��

�1* �-�-$)(��)' ,�!+)'��." +��������	���
0#$�#�$,��)(/ +- ��-)�()+-# +(�,%2������
�# ����%"+).(���#�(� �*+)���$&$-2�$,�
���

Telescope Array (2011)

Auger Observatory (2011)

25%

73%



Overall picture of cosmic ray data
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Figure 1
Flux of cosmic rays arriving at the Earth. The equivalent center-of-mass energy for protons as cosmic-ray
particles is also shown. See Reference 1 for citations to the data.

The composition of cosmic rays has been measured in balloon- and satellite-borne experiments
at energies up to 1014 eV. It is dominated by hydrogen and helium but also includes heavier
elements, up to iron. Elements with A > 65 are present, but their abundance is strongly suppressed
(11).

At energies higher than 1015 eV, the flux of cosmic rays drops below one particle per square
meter per year, and only indirect measurements can be performed. At these energies, only the
cascades of secondary particles that cosmic rays produce in the atmosphere—known as extensive
air showers—can be measured. Energy and composition information has to be derived indirectly
by simulating these air showers and comparing the predictions with measurements (12). With the
operation of modern large-scale experiments, the reliability of air shower simulations has become
the dominant source of systematic uncertainties in the interpretation of cosmic-ray data (13–18).
Whereas the electroweak interaction processes in air showers are reasonably well understood,
modeling of hadronic multiparticle production is subject to large theoretical uncertainties that
are, moreover, difficult to estimate (19–21).

In this review, we discuss the relation between models of hadronic multiparticle production
at high energy and the derived predictions for the characteristics of extensive air showers. Rather
than attempting to exhaustively review the field, we consider some representative examples and
present basic concepts pedagogically. For clarity, we focus on the limiting cases of protons or iron
nuclei as primary particles for air showers. An earlier review with a similar scope can be found in
Reference 22.

2. OVERVIEW OF EXTENSIVE AIR SHOWERS
When a hadronic high-energy particle enters the Earth’s atmosphere, it interacts with a nucleus
from the air (mainly nitrogen, oxygen, and argon) at a typical height of 15 to 35 km and produces a
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Figure 9
Mean depth of the shower maximum. Model predictions for different primary particles are compared with
data. The data are reproduced from References 15, 16, 18, 84, and 85.

are well described by Equation 2 up to 3 × 1018 eV. At higher energies, other effects become
important; these effects are discussed elsewhere (86).

The energy dependence of the depth of the shower maximum for hadronic particles is directly
related to changes in the elemental composition or changes in the characteristics of hadronic
multiparticle production. The energy dependence is typically expressed in terms of the shower-
elongation rate:

D10 = d〈Xmax〉
d log10 E

or De = d〈Xmax〉
d ln E

. 9.

By taking the derivative of Equation 4 according to ln E, we obtain

De = X 0(1 − Bλ − Bn), where Bλ = − 1
X 0

dλint

d ln E
and Bn = d ln ntot

d ln E
, 10.

which is known as the elongation-rate theorem (87; also see Reference 35). The elongation rate of
hadronic showers is the same as that of EM showers if the hadronic cross sections do not change
with energy and if the secondary particle distributions satisfy scaling, that is, if E0dN /dE =
f (E/E0), where f is an energy-independent function. In typical scenarios of the energy de-
pendence of hadronic multiparticle production, the elongation rates are considerably smaller
than X0.

For a fixed composition, a nearly constant elongation rate is expected for the models considered
here (Figure 9). Changes in the elongation rate strongly suggest a change in the primary mass
composition. The 〈Xmax〉 data indicate a change from a mixed composition to a heavy composition
at an energy just above the knee in the energy spectrum and possibly at E > 1018 eV. The
increase of 〈Xmax〉 in the energy range between 1017 and 1018 eV, which corresponds to a higher
elongation rate than that of EM showers, would be most naturally explained by a change from a
heavy-dominated composition to a light composition.

Measuring the longitudinal profile of showers allows one to estimate the primary energy from
the ionization deposit in the atmosphere, which can be calculated directly from the observed
fluorescence light or from the track-length integral of the showers. Although such an energy
measurement is calorimetric in nature, the relation of the EM-energy deposit to the total energy

480 Engel · Heck · Pierog
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Figure 1
Flux of cosmic rays arriving at the Earth. The equivalent center-of-mass energy for protons as cosmic-ray
particles is also shown. See Reference 1 for citations to the data.

The composition of cosmic rays has been measured in balloon- and satellite-borne experiments
at energies up to 1014 eV. It is dominated by hydrogen and helium but also includes heavier
elements, up to iron. Elements with A > 65 are present, but their abundance is strongly suppressed
(11).

At energies higher than 1015 eV, the flux of cosmic rays drops below one particle per square
meter per year, and only indirect measurements can be performed. At these energies, only the
cascades of secondary particles that cosmic rays produce in the atmosphere—known as extensive
air showers—can be measured. Energy and composition information has to be derived indirectly
by simulating these air showers and comparing the predictions with measurements (12). With the
operation of modern large-scale experiments, the reliability of air shower simulations has become
the dominant source of systematic uncertainties in the interpretation of cosmic-ray data (13–18).
Whereas the electroweak interaction processes in air showers are reasonably well understood,
modeling of hadronic multiparticle production is subject to large theoretical uncertainties that
are, moreover, difficult to estimate (19–21).

In this review, we discuss the relation between models of hadronic multiparticle production
at high energy and the derived predictions for the characteristics of extensive air showers. Rather
than attempting to exhaustively review the field, we consider some representative examples and
present basic concepts pedagogically. For clarity, we focus on the limiting cases of protons or iron
nuclei as primary particles for air showers. An earlier review with a similar scope can be found in
Reference 22.

2. OVERVIEW OF EXTENSIVE AIR SHOWERS
When a hadronic high-energy particle enters the Earth’s atmosphere, it interacts with a nucleus
from the air (mainly nitrogen, oxygen, and argon) at a typical height of 15 to 35 km and produces a
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(RE, Heck & Pierog,
Ann. Rev. Nucl. Part. Sci. 61, 2011)
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The magnetar model
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Low-energy part:
many galactic magnetars

1 example w/ Young Pulsars!

56 70%P+15%He+12%CNO+3%Fe 
Fang, Kotera, AVO ‘12 

High-energy part:
extragalactic (extreme) magnetar

R � 10km
T � 10 . . .100ms
B � 109 T (= 1013 G)

(Olinto, Kotera et al., 2012)



Centaurus A as dominating local source
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Vereinigung von Schweren Löchern

  

Figure 6 The radio galaxy NGC326 and its merger. Source Lecture S. Britzen
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The Astrophysical Journal, 746:72 (5pp), 2012 February 10 Biermann & de Souza

measured. Today it is possible to compare the predictions with
high-precision data over the entire energy range. Therefore, it
becomes important to have predictive power, i.e., to test quan-
titative hypotheses which were developed long before much of
the new data were known.

We revisit here an idea originally proposed in 1993 (Biermann
1993; Biermann & Cassinelli 1993; Biermann & Strom 1993;
Stanev et al. 1993) and we show how our Galaxy and the radio
galaxy Cen A can describe the energy spectrum from 10 PeV
up to 3 × 1020 eV and describe the Galactic to extragalactic
transition at the same time.

In the following sections, we first go through the tests the
1993 original model has undergone to date as regards spectra,
transport, secondaries, and composition; second, we confirm
the predictions of the original model with the newly available
data beyond the knee energy, and finally we present the high-
energy model which describes the transition between Galactic
and extragalactic cosmic rays.

2. ORIGINAL MODEL AND ITS TESTS TO DATE

In a series of papers started in 1993 (Biermann 1993;
Biermann & Cassinelli 1993; Biermann & Strom 1993; Stanev
et al. 1993; Biermann 1994) an astrophysics scenario was
proposed which emphasized the topology of the magnetic fields
in the winds of exploding massive stars (Parker 1958). In Stanev
et al. (1993), a comprehensive spectrum was predicted for
six element groups separately: H, He, CNO, Ne–S, Mn–Cl,
and Fe. The key points of this original model are as follows.
(1) The shock acceleration happens in a region which is
highly unstable and shows substructure, detectable in radio
polarization observation of the shock region, which is also
found in theoretical explorations (e.g., Bell & Lucek 2001;
Caprioli et al. 2010; Bykov et al. 2011). Therefore, the particles
go back and forth across the shock gaining momentum, while
the scattering on both sides is dominated by the scale of these
instabilities, which are assumed to be given by the limit allowed
by the conservation laws of mass and momentum. (2) There are
cosmic-ray particles which get accelerated by a shock in the
ISM, produced by the explosion of a relatively modest high-
mass star or, alternatively, by a low-mass SN Ia. This is most
relevant for hydrogen and less so for helium and heavier nuclei.
(3) Heavy cosmic-ray nuclei derive from very massive stars,
which explode into stellar winds already depleted in hydrogen,
and also in helium for the most massive stars. These explosions
produce a two-part spectrum with a bend that is proposed to
explain the knee. In this scenario, the knee is due to the finite
containment of particles in the magnetic field of the predecessor
stellar wind, which runs as sin θ/r in polar coordinates (Parker
1958). Toward the pole region only lower energies are possible
and the knee energy itself is given by the space available in the
polar region. There is a polar cap component of cosmic rays
associated with the polar radial field with a flatter spectrum. (4)
Diffusive leakage from the cosmic-ray disk steepens all these
spectra by 1/3 for the observer. (5) Very massive stars eject
most of their zero-age mass before they explode and so form a
very massive shell around their wind (Woosley et al. 2002). This
wind shell is the site of most interaction for the heavy nuclei
component of cosmic rays. For stellar masses above about 25
solar masses in zero-age main-sequence mass (Biermann 1994),
the magnetic irregularity spectrum is excited by the cosmic-
ray particles themselves. The spectral steepening due to the
interactions is E−5/9 for the most massive star shells.
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Figure 1. Energy spectrum calculated with this model compared to the
data from KASCADE (KASCADE Collaboration 2009), KASCADE-Grande
(KASCADE-Grande Collaboration 2010), and Pierre Auger Observatory
(Pierre Auger Collaboration 2010a). The numbers in the upper part of the figure
show the error of the model defined as (Model − Data)/(Experimental Error).
The shape of the six element spectra from the Galactic and the extragalactic
component is the same by the model assumption.
(A color version of this figure is available in the online journal.)

The final spectrum is a composite of these components; see
Figure 1 of Stanev et al. (1993). The spectra predicted by these
arguments match the data such as shown by the recent Cosmic
Ray Energetics And Mass (CREAM) results (Wiebel-Sooth
et al. 1998; Biermann et al. 2009). This scenario has undergone
detailed tests as regards propagation and interactions (Biermann
1994; Biermann et al. 2009) so as to describe both Galactic
propagation and the spectra of the spallated isotopes as well as
the resulting positron spectra, the flatter cosmic-ray positron and
electron data, the Wilkinson Microwave Anisotropy Probe haze
and the spectral behavior of its inverse Compton emission, and
the 511 keV emission from the Galactic center region. New
Transition Radiation Array for Cosmic Energetic Radiation
(TRACER) results (Obermeier 2011) are also consistent in
terms of (1) the low-energy source spectrum, (2) the energy
dependence of interaction, (3) a finite residual path length at
higher energy, and (4) a general upturn in the individual element
spectra. The newest Pamela results (Adriani et al. 2011) are also
consistent with the 1993 original model in which hydrogen
was the only element to have a strong ISM–SN cosmic-ray
component, and so has a steeper spectrum than helium.

2.1. A Test Beyond the Knee

This original model was proposed to explain the particles
observed above 109 eV per nuclear charge. Here we first test
the original model with the KASCADE data. The most accurate
measurement of the energy spectrum in the knee energy range
has been done by the KASCADE experiment (KASCADE-
Grande Collaboration 2010). Figure 1 shows for the first time
the comparison of the original model to the measured data
from KASCADE. KASCADE reconstructs the spectrum using
two hadronic interaction programs (QGSJet and Sibyll) in the
analysis procedure. In the figure we show the data and the
original model, and also include the ratio of the difference
between original model and data divided by the experimental
error. For the ratio shown we use only one of these interaction
codes; as an example we use QGSJet. The figure shows good
agreement between data and the original model to within the

2

Single reflection of galactic population 
of cosmic rays on ultra-relativistic 
shock front of AGN jet

Spin flip of black hole leads to
re-orientation of rotation axis

(Biermann et al. 2012)



Inclusive flux of secondary particles

Example: Waxman-Bahcall limit
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Example: Waxman-Bahcall neutrino limit (i)
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Maximum ``reasonable´´neutrino flux due to interaction of cosmic rays in sources

Assumptions:
• sources accelerate only protons (other particles yield fewer neutrinos)
• injection spectrum at sources known (power law index -2)
• each proton interacts once on its way to Earth (optically thin sources)

Proton flux at sources

Master equation

�p(Ep) =
dNp

dEpdAdtd⇥
= A E�⇤

p

�⇥(E⇥) =
Z dN⇥

dE⇥
(Ep) �p(Ep) dEp

Number of neutrinos produced in 
interval Eν...Eν+dEν, per proton interaction



Spectrum weighted moments (i)
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�⇥(E⇥) =
Z dN⇥

dE⇥
(Ep) �p(Ep) dEp

Aim: re-writing of equation
 for scaling of yield function

dN�
dE�

(Ep) =
1

Ep

dN�
dx

x =
E�
Ep

Scaling of 
neutrino yield

energy-independent
yield function

fraction of proton energy
given to neutrino

Elementary math

dEp =
E�
x2 dx

�p(Ep) = A E�⇥
p = A

�
E⇤
x

⇥�⇥
= x⇥ A E�⇥

⇤

(1)

(2)

(3)



Spectrum weighted moments (ii)
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�⇥(E⇥) =
Z dN⇥

dE⇥
(Ep) �p(Ep) dEp

substitutions (1) - (3) �⇤(E⇤) =
Z 1

0
x⇥�1 dN⇤

dx
A E�⇥

⇤ dx

�⇤(E⇤) =
�Z 1

0
x⇥�1 dN⇤

dx
dx

⇥
A E�⇥

⇤

Spectrum weighted moment 
(just a number that depends 
only on particle physics)

Proton flux 
(but with neutrino energy
instead of proton energy)



Example: Waxman-Bahcall neutrino limit (ii)
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Proton spectrum 
with α = 2 �⇥(E⇥) =

�Z 1

0
x

dN⇥
dx

dx
⇥

A E�2
⇥

Spectrum weighted moment for α=2:
mean energy fraction of proton given to neutrino
times number of neutrinos per interaction

Relevant interaction & decay chain (33% of all interactions with small Ecm)

p+ � �⇥ n ⇤+ �⇥ n µ+ ⇥µ �⇥ n e+ ⇥e ⇥̄µ ⇥µ

20% of p
energy each particle has 25% of the 

energy of the π+

�⇥µ(E⇥µ) = 0.33⇥0.2⇥0.25 AE�2
⇥µ


